We employ high resolution spectroscopy and spectropolarimetry to derive the physical properties and magnetic characteristics of the multiple system HD 164492C, located in the young open cluster M20. The spectrum reveals evidence of 3 components: a broad-lined early B star (HD 164492C1), a narrow-lined early B star (HD 164492C2), and a late B star (HD 164492C3). Components C2 and C3 exhibit significant (> 100 km/s) bulk radial velocity variations with a period of 12.5351(7) d that we attribute to eccentric binary motion around a common centre-of-mass. Component C1 exhibits no detectable radial velocity variations. Using constraints derived from modeling the orbit of the C2+C3 binary and from synthesis of the combined spectrum, we determine the approximate physical characteristics of the components. We conclude that a coherent evolutionary solution consistent with the published age of M20 implies a distance to M20 of 0.9 ± 0.2 kpc, corresponding to the smallest published values. We confirm the detection of a strong magnetic field in the combined spectrum. The field is clearly associated with the broad-lined C1 component of the system. Repeated measurement of the longitudinal magnetic field allows the derivation of the rotation period of the magnetic star, P rot = 1.36986(6) d. We derive the star's magnetic geometry, finding i = 63±6
INTRODUCTION
The Trifid nebula (M20) is a very young and active site of star formation, with an estimated age of (0.1−1)×10 6 yr (Cernicharo et al. 1998; Rho et al. 2008; Torii et al. 2011 ). The distance is uncertain, with values from 1.7-2.84 kpc discussed in the recent literature (Lynds & Oneil 1985; Rho et al. 2008; Cambrésy et al. 2011) , although even smaller distances (under 1 kpc) have been proposed (Kohoutek et al. 1999) .
HD 164492C is one of several bright, early-type stars composing the central asterism of M20 1 . Fig. 1 of Yusef-Zadeh et al. (2005) illustrates the positions of the components A-E (according to the identifications of Gahm et al. 1983) . Component A (O7.5V, Sota et al. 2013 ) is the principal source of UV illumination of the central nebula. Component B is an A2Ia supergiant, of approximately the same brightness as component A. HD 164492D lies only 2 arcsec west of component C and is classified as a Herbig Be star (LkHα 123; Yusef-Zadeh et al. 2005) . Considering the angular proximity of the various components, the risk of confusing one star for another, or of contamination of an observation by the seeing disc or scattered light of another, is potentially serious.
Evidence of a strong magnetic field present in one or more components of the spectroscopic binary HD 164492C was reported by Hubrig et al. (2014) . Those authors employed optical circular polarisation spectroscopy obtained with FORS2 (on the VLT) and HARPspol (on the ESO 3.6m telescope at La Silla) to obtain convincing detections of Zeeman signatures in the composite spectral lines of the system. HD 164492C is an early-type spectroscopic binary system. Hubrig et al. identified the presence of at least two contributions to the line profiles. They noted the presence of a weak He ii λ4686 line in "the central, strongest component" and assigned it a spectral type B1 or B1.5 (depending on the He abundance), corresponding to effective temperature (T eff ) of 24-26 kK. They speculated that the system might have a third component based on the complexity of the line profiles they observed.
The BinaMIcS project (Alecian et al. 2015 aims to understand the interplay between magnetism and binary tidal interaction, by determining the magnetic properties of massive shortperiod binary systems, and comparing them to isolated stars. It is in this framework that we performed a spectroscopic and spectropolarimetric study of this newly discovered magnetic binary system.
In this paper, we exploit new and archival spectropolarimetric and spectroscopic observations of HD 164492C to better understand the structure of the system and the physical characteristics of the components, including their magnetic properties. In Sect. 2 we describe the observational material employed in our study. In Sect. 3 we describe the spectral properties of the system, and the radial velocities of the previously identified components. In Sect. 4 we search for, and ultimately identify, the third stellar component of the system. In Sect. 5 we model the orbit of the double-lined spectroscopic binary (SB2). In Sect. 6 we derived the physical properties of the broad-lined magnetic star (and estimate those of the other components of the system), as well as its magnetic geometry. We also model the variability of the Hα emission, and constrain the properties of the star's centrifugal magnetosphere. Finally, in Sect. 7 we discuss the limitations of our results and their broader implications, along with outstanding questions and issues.
OBSERVATIONS

ESPaDOnS and HARPSpol spectropolarimetry
Seventeen high resolution circular polarisation (Stokes I and V) spectra were obtained in 2015 with the ESPaDOnS instrument at the Canada-France-Hawaii Telescope (CFHT) in the context of the Binarity and Magnetic Interactions in Stars (BinaMIcS) Large Program. Observations were obtained between June 24 and July 4 2015. In addition, we exploited 6 HARPSpol Stokes V spectra obtained from the European Southern Observatory (ESO) archive. (These spectra were obtained by the BoB Collaboration (Morel et al. 2015) , and some were already reported and analysed by Hubrig et al. 2014) . Both instruments are fibre fed, high resolution spectropolarimeters. Each ESPaDOnS polarimetric observation was obtained by combining 4 successive subexposures of 840s, between which the Fresnel rhombs were rotated. The total duration of each ESPaDOnS observation was 3600s. Those data were reduced at the CFHT using the Upena pipeline, and normalized by interactive fitting of polynomial functions to hand-selected contin- . Two profiles of the Si iii λ4552 line in the ESPaDOnS spectra, along with representative multiline fits for determination of radial velocities. There are two obvious contributions to the profile: a narrow-lined profile (C2) that changes radial velocity significantly between the two spectra, and a broad-lined component (C1) that appears to be stationary. The profile fits -particularly those corresponding mainly to the broad-lined star -show some differences in shape and width due to the variable profile shape. These uncertainties introduce scatter into the radial velocity measurements of that star.
uum regions in each spectral order. The ESPaDOnS data have a resolving power R = 65000, and span a spectral range from 380 nm to 1 micron. The HARPSpol observations, acquired in the context of observing program 191.D-0255, used a similar observing procedure. The subexposure times were 2700s, and the total observation time per spectropolarimetric sequence was 10800s. Observations were reduced using the the reduce-based procedure described by Alecian et al. (2011) . The HARPSpol observations have a resolving power of about 105000, and span the wavelength range 378 nm to 691 nm with a gap between 526 and 534 nm. The general details of the HARPSpol observations are described by Hubrig et al. (2014) . The log of ESPaDOnS and HARPSpol observations is reported in Table 1 .
UVES and FEROS spectroscopy
UVES (Dekker et al. 2000 ) spectra of HD 164492C were obtained on 15 nights in 2014, under ESO program 093.D-0267. In addition, 4 FEROS (Kaufer et al. 1999 ) spectra of the system were obtained in 2013, under ESO program 091.C-0713. All raw data were downloaded from the ESO archive. FEROS spectra were reduced with the ESO-MIDAS based data reduction system available on the web 2 . UVES spectra were reduced with the the ESO-reflexbased UVES pipeline (see Freudling et al. 2013 ). The merged spectra were normalized with a spline interpolation based on handselected continuum regions. The FEROS data have a resolving power R = 48000, and range in wavelength from about 380 nm to 920 nm. The UVES data were obtained with wavelength settings of 390/760 using a slit width of 0.4" in the blue arm and 0.3" in the red arm. This yielded R ∼ 80000 for the blue arm and R ∼ 90000 Table 1 . Log of spectropolarimetric observations. S/N indicates the peak signal-to-noise ratio per reduced pixel in the diagnostic null spectrum. Rotational phases are computed from Eq. 2. Detection flags refer to the detection status from the False Alarm Probabilities (FAPs), either a definite detection (DD: FAP < 10 −5 ), marginal detection (MD: 10 −5 < FAP < 10 −3 ), or non-detection (ND: FAP > 10 −3 ). for the red arm, with respective wavelength ranges of 326 − 445 nm and 560 − 946 nm. The log of the FEROS and UVES spectra that were used in this study is provided in Table 2 .
UT
SPECTRUM AND RADIAL VELOCITIES
The spectrum of the system is clearly composite, showing obvious profiles of at least two stars. Fig. 1 shows the profile of the Si iii λ4552 line in two of the ESPaDOnS spectra obtained on different dates. Two profile contributions are visible: one relatively broad and one significantly narrower. For clarity, we henceforth will refer to the broad-lined component as HD 164492C1, and the narrowlined component as HD 164492C2. As is evident from the figure, component C2 exhibits significant bulk radial velocity (RV) variability, consistent with orbital motion. However, visual examination of all spectra suggests that the profile of C1 is stationary, and exhibits no comparable RV changes.
Both stars have well-developed Si iii profiles. In agreement with Hubrig et al. (2014) , we also note the presence of a weak feature at the location of the He ii λ4686 line. This feature does not move in RV in our spectra. Based on the RV behaviour of the Si iii profiles, we associate the weak He ii line with the C1 component. (It is unclear to us, in the discussion by Hubrig et al., to which component they attribute this line.) While C2 may make a marginal contribution to this feature, it does not appear to contribute significantly, in the sense that we observe no obvious variable contribution to it.
The general characteristics of the broad-lined and narrow- The similar equivalent widths of the Si iii and C ii lines of the two stars are consistent with this conclusion, and furthermore suggest that the apparent magnitudes of the two stars in the V band are not very different. We first measured the RVs of the two stars by fitting the profiles of relatively strong, effectively unblended spectral lines showing clear contributions from both components. We used the Si iii λ4552, 4567 lines, the C ii λ4267 line and the He i λ6678 lines. The UVES spectra did not contain the Si iii lines, so only the C ii and He i lines were measured in those spectra. We employed the idl fitting tool described by Grunhut et al. (2016, submitted) to simultaneously fit synthetic profiles (including rotational and turbulent broadening) to the observed profiles. An example of such fits is shown in Fig 1. We estimated RV uncertainties using the dispersion of measurements of the different lines in spectra acquired on the same night. This amounted to about 2-3 km/s for the narrowlined component, and 5-10 km/s for the broad-lined component.
The C2 component is observed to vary significantly and coherently in velocity by over 130 km/s. (This will be discussed further in Sect. 5.) A period search of these RV measurements using a LombScargle approach yields a single strong peak in the periodogram near 12.53d.
On the other hand, and as expected from Fig. 1 , no coherent variation of the RV of the broad-lined component is detected. However, precise measurement of the broad-lined star's RV is challenging: the narrow-lined star often hides one or the other wing of the broad line, leading to best-fit model profiles corresponding to C1 that that exhibit important differences in width and position. Ultimately, these ambiguities introduce significant scatter into the RV measurements of the broad-lined star. The dispersion of the measurements was about 14 km/s.
To investigate whether a coherent variation of the broad spectral line could be hiding in these uncertainties, we performed iterative line profile disentangling using the method introduced by González & Levato (2006) . Disentangling begins with the measured RVs and approximate models of the line profiles (v sin i and v mac ) of the components. Model line profiles of individual observations are obtained by shifting the model profiles of the component stars to the measured RVs, and then combining them with an assumed EW ratio, with the composite profile normalized to the observed EW. The normalized model line profiles of the first component are then subtracted from the observations, the residual flux of each observation is shifted by subtracting the RV of the second component, and a mean line profile is obtained by adding the shifted residual profiles. This procedure provides an approximate line profile for the second component. The same process is then repeated with model profiles of the second component in order to obtain an approximation for the first component's profile. The mean disentangled line profiles obtained from the previous iteration are then used as input for the next iteration, and the process is repeated until the χ 2 of the fit to the individual observations ceases to change significantly from one iteration to the next.
Disentangling was performed both by adhering to the measured RVs, and by introducing RV refinement by re-measuring the RVs at each step using the centre-of-gravity of the residual line profiles. In our experience, the latter method can be successful only if the initial model and RVs provide a reasonable approximation to the shape and behaviour of the line profiles: if not, the solution will fail to converge. Our initial model used 140 km s −1 of v sin i for the broad-lined component, v sin i = 50 km s −1 for the narrow-lined component, 20 km s −1 of radial-tangential macroturbulence for both, and EW fractions of 0.7 and 0.3 for the two components, respectively. Re-measuring the RV did not result in the detection of any significant RV variability in the broad-lined component, with a final standard deviation of the output RVs of 4.7 km s −1 , as compared to 41 km s −1 for the narrow-lined component. The disentangled profiles of the broad and narrow-lined components of the Si iii λ4552 line are shown as dynamic spectra phased with the 12.53d period in the left and middle panels of Fig. 2 .
As an additional check that no comparable systematic RV variation of the broad-lined star could be present, we added an artificial RV variation to the disentangled profiles of C1 equal to −0.8× the RV of the narrow-lined component, as would be expected if the two stars orbit a common centre-of-mass, with the broad-lined component being slightly more massive (e.g. Sect. 6.2). The resulting dynamic spectrum is shown in the right panel of Fig. 2 , and demonstrates that such RV variability would have been detected if it were present. Furthermore, to verify that our initial assumption of zero RV variation of the broad-lined star was not affecting the disentangling process, we also attempted to disentangle the profiles using this same artificially introduced RV variation. No acceptable convergence could be obtained, with the resulting χ 2 /ν = 3.1, significantly in excess of the values obtained using the measured RVs (1.27), a constant RV (1.26), or recalculated RVs (1.26).
The adopted RVs of the C1 and C2 components are presented in Table 3 . In this Table, we report the RVs obtained from the He i λ6678 line (which could be obtained for both components from all spectra), refined to provide the best fit to all profiles following disentangling. Two measurements of the RV of C1 (at phase ∼ 0.03) may stand out visually from the remainder of the data for that star. The measurements (obtained on the same night) depart form the mean by roughly 2σ. We have investigated the significance of these results (by re-initialising the disentangling using slightly different model parameters, and by extending the procedure over additional iterations), and conclude that these departures from the mean are not significant.
From our disentangling, we ultimately conclude that there is no evidence for significant RV variations of the broad-lined star, with a standard deviation of about 5 km/s. A Lomb-Scargle period search of these measurements yields no significant signal, in particular near the 12.53d period detected in the narrow-lined star's measurements. Were the broad-lined and narrow-lined stars in a physical binary system, the measured RVs would imply a mass ratio of about 13:1, which is strongly inconsistent with the similar spectral types and apparent magnitudes of the stars. We therefore conclude that the broad-lined star is not the companion at the origin of the narrow-lined star's binary motion. As a consequence, in the following Section we search the spectra for evidence of a third component.
SEARCH FOR AN ADDITIONAL SPECTROSCOPIC COMPONENT
Considering the large RV variation exhibited by the narrow-lined star, we searched our spectra for potentially subtle contributions from an additional component in the system. We used the collection of reduced spectra to search for the presence of a third component. No clear evidence was found when visually examining the majority of the observed spectral lines. This included all of the strongest lines for which both the C1 and C2 components could be easily discerned (e.g. the Balmer, He i, and Si iii lines). We therefore attempted to model the observed spectra assuming the presence of only the two obvious components.
This was carried out using the grid of non-local thermodynamic equilibrium (NLTE) tlusty bstar2006 spectral models (Lanz & Hubeny 2007) . The grid consists of models having T eff ranging from 15 − 30 kK in increments of 1 kK and surface gravity (log g) ranging from a minimum of 2.0 to a maximum of 4.75 (cgs) in increments of 0.25 (cgs).
We adopted initial effective temperatures of the two components of 25 kK based on the previous conclusion that both stars are of early B spectral type. The log g values of both components were fixed at 4.0 (cgs) and a solar metallicity was assumed. No macroturbulence or microturbulence was included in the models. Approximate v sin i values of 140 and 50 km s −1 were found to be appropriate based on comparisons with, in particular, the Si iii lines. All of the synthetic spectra were convolved with a Gaussian function appropriate to the instrumental broadening of each (ESPaDOnS, HARPSpol, UVES or FEROS) spectrum. Table 3 . Table of radial velocities. The orbital phase is computed using the period and zero-point JD reported in Table 4 . At some phases, the weak profile of the C3 component was sufficiently blended with those of the other stars that its RV could not be reliably measured.
The total flux was initially calculated assuming a luminosity ratio of unity between the two components. Comparisons between this total model flux and the observed Balmer lines -specifically Hβ, Hγ, and Hδ -were then used to better constrain each component's adopted T eff ; Hα was not used because of the clear emission present in the wings (this is discussed further later in the paper). We note that the cores of Hα, Hβ, and Hγ all exhibit narrow emission which is assumed to be associated with hot gas within the Trifid nebula. Ultimately, we found that using T eff = 26 kK and T eff = 24 kK for the broad-line and narrow-line components, respectively, yielded the best-fitting solution as determined by eye.
We found that this model adequately reproduced most of the strongest lines in the spectrum. The model was found to be consistent with the inner wings (i.e. from ≈ 100 − 500 km s −1 ) of Hβ, Hγ, and Hδ (Fig. 3) . Many of the He i lines (e.g. He i λ4144, He i λ4388, and He i λ4471) showed broad wings that were not reproduced by the model. We suspect that this is a consequence of a peculiar abundance distribution of He, implying the presence of large-scale overabundance patches and/or strong vertical stratificaton of this element. This will be discussed further in Sect. 7.
Most remarkably, both C ii λ4267 and Mg ii λ4481 were observed to exhibit an additional weak and isolated absorption component in their profiles (see Fig. 4 ). This persistent feature was detected at RVs ranging from ≈ −140 to +90 km s −1 -located approximately in anti-phase with respect to the RV of the C2 component. The dynamic spectrum of the Mg ii λ4481 line, phased according to the 12.53d period, is shown in Fig. 5 . This clearly shows the phased orbital motion of the C2 component (overlaid with the orbital model (solid line) discussed later in Sect. 5). The dynamic spectrum also shows the more subtle motion of the newly-detected spectral feature, which exhibits a fainter trace of comparable shape, with a much larger (∼ 2×) RV amplitude (this component's motion is also overlaid with the associated orbital model discussed in Sect. 5). These properties strongly support the identification of this feature as a tertiary component of the system, which we label HD 164492C3.
In order to include this third component in the model spectrum, we needed to determine both its T eff and v sin i values. T eff was estimated by first estimating its mass with respect to the 24 kK C2 component, using the ratio of RV amplitudes K 3 /K 2 ≈ 2 (as estimated from Fig. 5 ). Under the assumption that both components lie on the main sequence, we found that the mass ratio, i.e. M 2 /M 3 = K 3 /K 2 , implies a cooler temperature of ≈ 15 kK. A v sin i of 30 km s −1 was estimated by eye based on comparisons between observed and computed profiles of the observed C ii λ4267 and Mg ii λ4481 lines. This cooler temperature, combined with the associated lower luminosity, explains why this component is not detected in profiles of most strong lines in the spectrum of HD 164492C.
Calculation of the total model spectrum requires not only T eff and v sin i of each of the three components, but also each component's fractional contribution to the total flux (i.e. F tot = L i F i /L tot where F i corresponds to the i th component's flux, L i is its luminosity, and F tot and L tot are the system's total flux and luminosity). This was estimated using a procedure developed for analysis of the structurally similar triple system HD 35502 (Sikora et al. 2016 ). This involved allowing the luminosity ratios of the secondary and tertiary components with respect to the primary (L 1 /L 2 and L 2 /L 3 , respectively) to be fit based on comparisons with the observed C ii λ4267 line. Using only those observations for which the three components were sufficiently separated in velocity, our analysis implies an acceptable ratio L 1 /L 2 of 1.1± 0.1, and a ratio L 2 /L 3 of 6.5± 0.5.
The final model is shown in Figs. 3 and 4. Fig. 4 shows two models: one in which all three components are considered and one in which only the (previously identified) C1 and C2 components are shown.
ORBIT OF THE BINARY SYSTEM
The qualitative characteristics of the cooler C3 component detected in the high resolution spectra are fully consistent with the properties expected based on the orbital motion of the C2 component (and the . Top: C iiλ4267 line used to determine the luminosity ratios between the three components. Bottom: Mg iiλ4481 line. The black curves correspond to the observed spectrum, the solid red curves correspond to the total tlusty model including all three components, and the dashed blue curves show the total model spectrum when only the two brightest components are considered. The components, labeled as C1, C2, and C3, are identified in the text. lack of motion of C1). We used the spectral fits to estimate the radial velocity of the third component in each of our spectra. These values -reported in Table 3 -are uncertain at roughly 5 km/s due to the weakness of the spectral contribution of this component and blending from the other components.
We used the IDL orbital fitting code Xorbit to model the orbit. This code determines the best-fitting orbital period P orb , time of periastron passage (T ), eccentricity (e), longitude of the periastron (ω), semi-amplitudes of each component's radial velocities (K 1 and K 2 ), and the radial velocity of the center of mass (γ) (Tokovinin 1992), performing least-squares fits to the measured radial velocities. We used as constraints the RVs of both the C2 and C3 components (Table 3) . As illustrated in Fig. 6 , the RVs of both stars can be reproduced using a single orbital model with P orb = 12.5351 ± 0.0007 d and e = 0.515 ± 0.006. This period is in good agreement with the approximate orbital period derived earlier from the narrow-lined star's RVs alone. The RV semi-amplitude of the C3 component (K 3 = 140 ± 2 km/s) implies a mass ratio M 2 /M 3 = 2.08 ± 0.06. The orbital parameters derived from the SB2 solution are summarised in Table 4 .
PROPERTIES OF THE BROAD-LINED MAGNETIC STAR
Least-Squares Deconvolution, magnetic measurements and their period analysis
Visual examination of the Si iii profiles shows a broad Stokes V signature that spans the entire width of the composite profile, and that shows no apparent variation in radial velocity. It therefore appears that the magnetic signature is associated, at least principally, with the broad-lined C1 component. Least-Squares Deconvolution (LSD; Donati et al. 1997 ) was applied to the ESPaDOnS and HARPSpol spectra, using the ilsd program (Kochukhov et al. 2010 ) and a line mask with 571 spectral lines obtained using an Extract Stellar request with T eff = 24 kK and a depth threshold of 0. Kupka et al. 1999 Kupka et al. , 2000 . The line mask was adjusted to best reproduce the He and metallic line profiles present in the observed spectra using the cleaning/tweaking procedure (e.g. Grunhut 2012, Grunhut et al., submitted) , first by cleaning the mask of any lines strongly blended with Balmer lines, telluric features, or instrumental ripples, and second by adjusting the depths of the remaining 367 lines so as to match as closely as possible the observations. The LSD profiles were extracted using a 5.4 km s −1 pixel width (i.e. 3× the 1.8 km s −1 ESPaDOnS pixel width), in order to increase the Stokes V S/N.
The resulting LSD Stokes I profiles were then disentangled using the same iterative algorithm as used for the Si iii λ4552 line. Fig. 7 shows the LSD Stokes V profiles above the mean disentangled Stokes I profile of the C1 component. The Stokes V profiles -which are not subject to any disentangling -show no evidence of any systematic radial velocity variability, and span the same range in velocity as the line profile of the broad-lined component, strongly supporting our impression that the broad-lined C1 component is the magnetic star.
To evaluate the significance of detection of Zeeman signatures, we calculated False Alarm Probabilities (FAPs) via compar- ison of the signal within the Stokes V line profile, as compared to the null hypothesis as evaluated from the noise in the wings and the diagnostic null profile N (Donati et al. 1992 (Donati et al. , 1997 . A detection is considered to be definite (DD) if FAP < 10 −5 , to be a non-detection (ND) if FAP > 10 −3 , and to be a marginal detection (MD) otherwise. Table 1 provides the detection status for Stokes V and N of each spectrum. All N profiles are NDs, while 17/23 Stokes V profiles yield DDs.
In the following, based on the evidence above, we assume that the C1 component is the source of the Stokes V signatures shown in Fig. 7 , and that contributions from the other components to Stokes V are negligible. We use the LSD Stokes V profiles, along with the disentangled Stokes I profile of the C1 component (i.e. the timeseries of profiles shown in Fig. 7 ) for our calculations. We emphasise that while an equivalent-width ratio of the lines of the C1 and C2 components was assumed to initialise the disentangling procedure, ultimately our disentangled profiles are not subject to any rescaling or any assumptions about the luminosity ratio of the components. In particular, we preserve the EWs of the profiles as they appear in the composite spectrum, and hence the relationship between the Stokes I and Stoke V profiles. The mean longitudinal magnetic field B z was measured using (Mathys 1989; Donati et al. 1997) :
where v is the Doppler velocity relative to the line centre-of-gravity in km s −1 , and λ 0 = 500 nm and g 0 = 1.2 are the normalization values of the wavelength and Landé factor used to scale the LSD profiles. Error bars were obtained by propagating the individual pixel error bars through Eqn. 1. In addition to B z , N z was measured by substituting N for Stokes V in Eqn. 1. B z and N z are provided in Table 1 . The median B z measurement is significant at 6.5σ, while the median N z is significant at only 0.5σ.
To determine the rotational period P rot , we performed LombScargle period analysis on the B z measurements. The periodogram is shown in the top panel of Fig. 8 . There are two significant peaks in the periodogram at about 1.37 d and 3.64 d, with no corresponding peaks in the N z periodogram (indicated by dashed blue lines). As explored below, the star displays Hα emission consistent with an origin in a circumstellar magnetosphere. The periodogram obtained from Hα equivalent widths (EWs) is shown in the bottom panel of Fig. 8 , with the strongest peak at 1.37 d. We reject the 3.64 d period based on two factors. First, the Hα EWs phased with this period do not show a coherent variation (in agreement with the information provided by the periodogram) . Furthermore, if the B z measurements are prewhitened with the 1.37 d period, the 3.64 d peak (as well as the most significant peaks below 1.0 d) are not longer present in the periodogram of those data. We therefore identify the shorter period as P rot . With the epoch JD0 defined at maximum B z , we adopt the following ephemeris:
where the uncertainty in P rot was determined using the formula HD 164492C 9 Figure 9 . B z (measured from LSD profiles extracted using He + metallic lines, disentangled as per Fig. 7) , phased according to Eq. 2. Note the excellent agreement between the ESPaDOnS and HARPSpol measurements.
from Bloomfield (1976) . The Stokes V profiles in Fig. 7 are arranged in order of increasing rotational phase, and B z is shown phased according to Eq.(2) in Fig. 9 . We note that HARPSpol and ESPaDOnS measurements of the longitudinal field are in excellent mutual agreement.
Physical parameters and surface magnetic field
The sinusoidal fit to the B z curve shown in Fig. 9 has a reduced χ 2 of 0.9, indicating that the variation of B z is well described by a sinusoid and, hence, that the surface magnetic field is dominated by the dipolar component, as is typical for magnetic, hot stars. The longitudinal magnetic field curve of a rotating dipole can be reproduced with the dipolar Oblique Rotator Model (ORM). This model is described by three parameters: the inclination i of the stellar rotational axis from the line-of-sight, the obliquity angle β of the magnetic axis from the rotational axis, and the surface magnetic field strength of the dipole at the magnetic pole B d . In this subsection we attempt to constrain these parameters.
Given P rot , the projected rotational velocity v sin i , and the stellar radius R * , i is given by
The multiline fitting algorithm used to measure RVs included rotational and turbulent broadening, thus providing estimates of v sin i . From our earlier spectral modeling, we found that the broadlined star C1 has v sin i = 140 ± 10 km s −1 , and the narrow-lined component C2 has v sin i = 50±5 km s −1 . If we assume that i = 90
• and solve Eqn. 3 for R * , the 1.37 d period implies R 1 = 3.8 R ⊙ . For a T eff of 26 kK, this implies a luminosity of log L = 3.9, and a log surface gravity of about 4.25 3 .
A more rigorous determination of the star's ORM parameters requires that we constrain R * , which can be done if we know T eff (determined in Sect. 3) and the luminosity log L. In the following we attempt to determine the luminosities of the system's three components using constraints from distance, evolutionary models, and the presumed stellar ages.
Although none of the HD 164492 members appear in the recent first Gaia data release (Gaia DR1), two other members of M20 (HD 164637 and HD 174492) are included. HD 164637 in particular is evaluated to have a membership probability of 99.6% by Baumgardt et al. (2000) . The Gaia parallaxes are respectively 0.782 ± 0.448 mas (1.28 ± 0.7 kpc) and 0.836 ± 0.302 mas (1.20 ± 0.4 kpc) (Lindegren et al. 2016) . Formally, both of these results are consistent with nearly the full range of published distances to the M20 cluster. To estimate the physical characteristics of the stars, we employ the weighted mean of the Gaia distances (1.22 ± 0.35 kpc), yielding a distance modulus DM = 10.4 +0.6 −0.7 mag. The apparent visual magnitude of the system is V = 6.8 mag. Assuming no extinction A V (given that the system is in a largely excavated part of the nebula), the absolute visual magnitude of the system is then M V = V − A V − DM = −3.6 ± 0.6 mag. Using the bolometric correction BC = −2.55 ± 0.21 obtained via linear interpolation through the theoretical tlusty BSTAR2006 grid (Lanz & Hubeny 2007) for T eff = 26 ± 2 kK and log g = 4.25 ± 0.25 (where log g < 4 is unlikely based on the spectral modelling), and assuming that BC is about the same for the broad-and narrowlined components, the system's absolute bolometric magnitude is M bol = M V + BC = −6.2 ± 0.8 mag, yielding a total luminosity for the combined system of log (L sys /L ⊙ ) = (M bol,⊙ − M bol )/2.5 = 4.3 ± 0.3, where M bol,⊙ = 4.74 mag. Using the luminosity ratio L 1 /L 2 = 1.1 ± 0.1 from Sect. 4, and assuming the contribution of C3 to the total luminosity is negligible, log L 1 /L ⊙ = 4.02 ± 0.4 and log L 2 /L ⊙ = 3.97 ± 0.4.
The orbital properties of the close binary system offer an alternate means of constraining the luminosities of the component stars. The mass ratio of the C2 component and its companion C3 is M 2 /M 3 = K 3 /K 2 = 2.08. Assuming the stars are coeval, as should be the case for a close binary, they should be located on the same isochrone. We start from the photometrically determined luminosity of C2 of log L 2 /L ⊙ = 3.97 ± 0.4 and take the C2 component's mass to be M 2 = 11 ± 2 M ⊙ from its position on the HRD. From the mass ratio this indicates that the C3 component must have a mass M 3 = 5.3 ± 1 M ⊙ . Tracing back along the log t/yr = 6.5 the youngest isochrone available in the grid, corresponding to a liberal upper limit on the age of the cluster and log t/yr = 7.2 isochrones (the maximum age for which both stars lie on the same isochrone) to obtain the luminosity of the C3 component yields log (L 3 /L ⊙ ) = 2.57 ± 0.24. Requiring that the stars be coeval further restricts the C2 component's luminosity to log (L 2 /L ⊙ ) = 3.8 ± 0.3, i.e. log L 2 > 4.1 is ruled out as the stars would no longer lie on the same isochrone. We therefore conclude, assuming that these stars are true, coeval members of the young cluster, that L 2 must be on the low end of the value inferred directly from the apparent magnitudes of the stars and the assumed distance (assuming that C2 and C3 lie on the same isochrone).
The open symbols in Fig. 10 show the positions of the three stars on the T eff -log L diagram, as inferred from spectral modelling, photometry, and assumed distance (for C1 and C2) and orbital properties (for C3). They are compared with the model evolutionary tracks of Ekström et al. (2012) . Within the uncertainties in T eff and log L, the maximum age for which all three stars lie on the same isochrone is log t/yr = 7.2, or about 16 Myr. How- (2012) models are shown by dashed lines, while dotted lines indicate isochrones from the same models for log t/yr = 6.5 and 7.2. The solid and dot-dashed lines indicate the ZAMS and TAMS, respectively. The luminosities are derived from photometry, however, given that the Trifid nebular is about 1 Myr old, all stars should be below the log t = 6.5 isochrone. ever, this is much older than the reported age of the M20, which is estimated to be about 10 5 yr (Cernicharo et al. 1998 ). If we restrict the luminosities of the stars such that they are located on the isochrone corresponding to this age, we obtain the positions corresponding to the filled symbols in Fig. 10 . If the age of the C1 component is restricted to be less than 1 Myr, then its luminosity must be log (L 1 /L ⊙ ) = 3.8 ± 0.15. This would imply that the shorter estimates of the distance to the Trifid nebula (about 1 kpc) are likely to be more accurate, since they result in lower luminosities which locate all three stars on the correct isochrone. (This will be discussed further in Sect. 7.) This lower luminosity is adopted for the subsequent modeling of the star's magnetic field, yielding a stellar radius
The mass inferred from evolutionary models is M 1 = 10.9 ± 0.5M ⊙ . As the spectroscopic modeling implies a luminosity ratio close to unity, this would then imply that the C2 component's luminosity must be similar (log (L 2 /L ⊙ ) = 3.65 ± 0.15), while the C3 component should be slightly lower than that inferred from purely photometric values (log (L 3 /L ⊙ ) = 2.56 ± 0.15), yielding masses of 9.3±0.4M ⊙ and 4.4±0.2M ⊙ for the C2 and C3 components, respectively. The corresponding luminosity ratios are 0.7 < L 1 /L 2 < 2.8 and 6 < L 2 /L 3 < 25, which are within the range of those determined via spectral modelling in Sect. 3.
Using the radius R 1 determined from the C1 component's agerestricted luminosity, and Eq. 3, i = 63 ± 6
• . Preston (1967) showed that i and β can be related by the parameter r, defined as 
where B z max = 2.1 ± 0.15 kG is the maximum strength of the B z curve and µ is the linear limb-darkening coefficient, taken to be 0.37±0.02 via interpolation through the tables of Díaz-Cordovés et al. (1995) according to the star's T eff and the surface gravity inferred from its position on the T eff -log L diagram. This yields B d = 7.9 +1.2 −1.0 kG If the age restriction is not applied and the higher and more uncertain luminosity log (L 1 /L ⊙ ) = 4.02 ± 0.4 of the the C1 component is used instead, R 1 = 5 ± 1 is also larger, yielding a smaller inclination (i = 36
+30
• −10 ), a larger obliquity (β = 59 +7 • −27 ), but essentially the same magnetic field strength (B d = 7.1 +0.7 −0.5 kG). Physical and magnetic parameters with and without age constraints are summarised in Table 7 . Fig. 11 shows the Hα line from all available spectra overplotted. The most apparent feature of these data are the sharp emission lines at 654.8 nm, 656.3 nm, and 658.5 nm: these are nebular in origin.
Hα emission and variability
Five of the spectra in Fig. 11 show emission that is qualitatively different from the others in strength and shape, with one of the FEROS spectra in particular showing particularly strong emission. These spectra are highlighted with red dotted lines. These data do not phase coherently with P rot , and all but one of these spectra show metallic and He lines that differ from the much larger collection of remaining spectra. In two cases, one FEROS and one UVES spectrum, normalization appears to have failed, leading to excess emission in the wings. In the remaining cases the emission pattern is very different from that exhibited by other magnetic B stars, with very strong emission in the inner part of the line. The two ESPaDOnS spectra showing this pattern both have the highest seeing in the ESPaDOnS dataset: 1.68", as compared to a mean of 1.2"±0.1. Given the crowded field in the vicinity of this star, it is likely that this anomalous emission is due to contamination from the nearby Herbig Be star HD 164492D (separated from HD 164492C by 2"). These data were consequently ignored in the remainder of the Hα analysis, but they will be discussed again at the end of the paper.
The remaining spectra all show enhanced emission in the line wings, similar to that seen in other rapidly rotating, stronglymagnetized early B-type stars. If this emission is associated with a magnetosphere, it would be expected to phase coherently with P rot , with maximum emission corresponding to an extremum of B z . As discussed in Sect. 6.1, the Lomb-Scargle periodogram of these data shows a single strong peak, consistent with the period P rot derived from the magnetic measurements. Fig. 12 shows the Hα EWs phased with Eq. 2, demonstrating that there is a coherent variation. Maximum emission occurs at phase 0 (maximum B z ), and minimum emission occurs at phase 0.5 (when B z is closest to 0 G). The single-wave variation of the Hα EW is furthermore expected given that, according to the observed longitudinal field variation, the only one magnetic pole of the star is visible during a rotational cycle.
The periodic variability of the Hα emission, locked in phase with the longitudinal magnetic field variation, provides strong evidence for the presence of hot plasma held in corotation with the star by its magnetic field.
A dynamic spectrum of the Hα line is shown in Fig. 13 . Residual flux was obtained by subtracting synthetic from observed spectra, where the model spectra were created using the physical parameters for the broad-lined and narrow-lined components from Sect. 3, shifted to the appropriate RVs from Table 3 . For display purposes, nebular emission was removed by linear interpolation between pixels adjacent to each nebular emission line. Telluric absorption lines were removed with a low-pass filter. The emission behaves as expected for a centrifugal magnetosphere (CM; Petit et al. 2013 ), peaking at high (∼ 4v sin i) velocities, and increasing and decreasing roughly symmetrically in the blue and red line wings.
The emission appears to extend across the full line profile. This is as expected if β is small, in which case the Rigidly Rotating Magnetosphere model (RRM; Townsend & Owocki 2005) predicts a slightly warped disk with only mild density enhancements at the intersections of the rotational and magnetic equators. This Figure 13 . Hα dynamic spectrum, phased according to Eq. 2. Residual flux is obtained by subtracting synthetic spectra from the observed spectra, where the synthetic spectra use the physical parameters determined in Section 6, adjusted to the RVs measured in Section 5. Nebular emission was removed from observed spectra by linear interpolation between pixels adjacent to the emission lines; telluric lines were removed with a low-pass filter. The bottom panel shows the individual line profiles, with a representative synthetic spectrum, created with RV = 0 km s −1 for both components, shown by the dashed red line. In the top panel, residual flux is mapped to the colour-bar (right) and plotted as a function of rotational phase. Solid vertical lines indicate ±v sin i , and dotted vertical lines indicate ±R K . Dashed lines trace out a two-cloud model of the magnetosphere.
behaviour is consistent with the geometry derived using the ageconstrained physical parameters. Interpreting variability in the rotationally broadened core (inside the vertical solid lines) is complicated by the nebular emission and residuals from the binary motion, thus whether or not there are periodic eclipses cannot be evaluated.
The blue-shifted emission is somewhat stronger (and possible more extended) than the red-shifted emission. This could indicate an asymmetry in the magnetosphere, possibly arising from a surface magnetic field topology somewhat more complex than a dipole (e.g. Oksala et al. 2015) . The curved dashed lines in Fig. 13 trace out a simple two-cloud model, with velocity maxima aligned with the blue-and red-shifted emission peaks. These appear to be offset by about 0.1 in rotational phase. A dipolar RRM model predicts blue-and red-shifted emission maxima occurring at the same phase, thus this could, in addition to the apparent asymmetry in emission strength, be another indication of contributions to the surface magnetic field from higher-order multipoles.
Magnetospheric parameters
The radial extent of magnetic confinement of the wind is given by the Alfvén radius. This is defined as the point at which the Alfvénic Mach number (the ratio of the wind velocity to the Alfvén velocity) is equal to unity. This in turn scales with the magnetic wind confinement parameter η * defined by ud- Doula & Owocki (2002) as the balance between the energy density of the magnetic field and the kinetic energy density of the stellar wind. Using the Vink et al. (2001) mass-loss prescription and the age-constrained stellar parameters, the mass-loss rate is logṀ/(M ⊙ /yr) = −9.3 ± 0.3, and the wind terminal velocity v ∞ = 2600 ± 30 km s −1 . Solving equation 7 from ud-Doula & Owocki (2002) In rapidly rotating stars, rotational support of the circumstellar plasma plays a key role in shaping the magnetosphere, both by enabling accumulation via prevention of gravitational infall, and by compressing the plasma into a geometrically thin, warped disk following the effective potential minima (Townsend & Owocki 2005) . The corotation or Kepler radius R K , at which the gravitational and centrifugal forces balance, is found to be R K = 2.8 ± 0.1R * from the stellar mass and rotational frequency using equation 12 from Townsend & Owocki (2005) . In Fig. 13 , ±R K is indicated by vertical dotted lines, and coincides closely with the emission maxima. This is consistent with the magnetically confined plasma being located above R K .
A dimensional parameterization of the magnetospheric volume is given by log (R A /R K ) = 0.80 ± 0.08. This is on the high end for magnetic B-type stars, and is consistent with the ratio observed for the subset of stars with Hα-bright CMs (Petit et al. 2013 ).
In Section 6.2 the luminosity was constrained by the presumed maximum age of the system. If this assumption is relaxed, the results of the current section are largely unchanged: logṀ = −9.0 ± 0.3, v ∞ = 2200 ± 200 km s −1 , η * = (5 ± 3) × 10 4 , R A = 15.9 ± 1.8 R * , R K = 1.9 ± 0.4 R * , and log (R A /R K ) = 0.9 ± 0.1. The fundamental conclusion is that R A ≫R K . The largest difference is in R K , which is smaller due to the larger radius and, consequently, the higher surface equatorial rotational velocity v eq = 190 ± 30 km s −1 , as compared to v eq = 154 ± 7 km s −1 with the age-restricted parameters. Comparing to Fig. 13 , this would place R K at a much lower radius than the emission peaks.
HD 164492C has similar magnetospheric and rotational parameters to other magnetic B-type emission-line stars, so it is not unreasonable to interpret its emission in the context of the RRM. RRM makes the assumption that η * ≫ 1 and, hence, the wind plasma will be entirely locked to the magnetic field in the vicinity of the emission line-forming region. The three-dimensional distribution of the plasma then follows an accumulation surface defined by the minima of the effective potential, assuming hydrostatic equilibrium along each field line. For an aligned rotator (β = 0) this yields a disk in the magnetic and equatorial planes. Larger angles of β introduce a warp to the disk, with the two densest regions at the intersections of the magnetic and rotational equators. For large β this results in the formation of two distinct clouds.
Examining Fig. 13 , we note that there is emission present at all phases. The strongest emission occurs at phase 0, coincident with the maximum of the magnetic field: at this phase, the magnetic pole is closest to the centre of the projected stellar disk, thus the magnetosphere is at quadrature and has its greatest projected area. At phase 0.5, B z ∼ 0 G, indicating that the magnetic equator is bisecting the projected stellar disk. The projected area of the magnetosphere is now at its minimum, as is the Hα emission strength. This modulation in emission strength only makes sense if the plasma is fairly dense, such that it is optically thick at some or all rotational phases. This is a general characteristic of stars with emission-line CMs. It is instructive to compare HD 164492C to similar stars with well-defined magnetic and rotational parameters. Broadly speaking, the CM emission is either confined within two distinct red and blue clouds and present at only some rotational phases (e.g. σ Ori E, HR 7355, HD 176582, Oksala et al. 2015; Rivinius et al. 2013; Bohlender & Monin 2011) or apparent across the line profile and present at all rotational phases, indicative of plasma distributed more evenly at all azimuths (e.g. δ Ori C, HR 5907, HD 23478, Leone et al. 2010; Grunhut et al. 2012; Sikora et al. 2015) . In the former case β is generally large (above 45
• ), while amongst the latter stars β is generally small (below about 15
• ). The presence of emission at all phases and velocities is more consistent with the relatively small β = 33 ± 6
• determined using age-restricted parameters than it is with the larger β = 59 +7 −27
• inferred from the unrestricted parameters.
Rotational evolution
The extended moment arm of the rigidly rotating magnetosphere serves as an efficient braking mechanism (Weber & Davis 1967; ud-Doula et al. 2009 ). The spin-down timescale τ J for HD 164492C is, using equation 8 from ud-Doula et al. (2009) , about 12 ± 3 Myr with age-restricted parameters, or 3.7±2 Myr using unrestricted parameters, where the longer spindown timescale is due to the lowerṀ inferred for a younger, less luminous star.
In the age-restricted case τ J is an order of magnitude longer than the cluster age of about 1 Myr; without age restrictions τ J is only about twice the cluster age, but is much less than the age of the star that would be inferred from evolutionary models, 12.1±3.5 Myr.
This could imply that the star did not start on the ZAMS at critical rotation. The rotation parameter W ≡ v eq /v orb (ud-Doula et al. 2008) , where v orb is the velocity necessary to maintain a Keplerian orbit at the equatorial surface. When W = 1 the star is rotating at its critical velocity. Using equation 11 from ud-Doula et al. (2008), W = 0.32 ± 0.09 with unrestricted parameters, or 0.20 ± 0.03 with age-restriction. Taking W 0 = We t/τ J and using the 1 Myr cluster age yields W 0 = 0.22 in the age-restricted case and W 0 = 0.48 in the unrestricted case. It is unknown if the star experienced any braking on the pre-main sequence, however, this result would suggest that W 0 cannot have been much larger than its current value. This conclusion depends on the mass-loss rate: ifṀ∼1.5 dex higher than determined using Vink mass-loss, τ J would be of a similar magnitude to t and hence compatible with W 0 = 1. Petit et al. (2013) calculated maximum spindown ages t S,max under the assumption that W 0 = 1. Assuming a gyration radius r gyr = 0.3R * (as used by Petit et al. 2013) , and using age-restricted parameters, we obtain t S,max = 21 ± 7 Myr. If instead we use r gyr = 0.25R * (which is closer to the value predicted by the stellar structure models of Claret 2004), we obtain t S,max = 12±5 Myr. The spindown age can be brought into agreement with the cluster age of ∼1 Myr if r gyr ∼ 0.1R * . If instead the unrestricted parameters are used, t S,max = 7 ± 3 Myr with r gyr = 0.3 R * , and 4 ± 2 Myr with r gyr = 0.25 R * .
Thus the cluster and gyrochronological ages can be reconciled 
2.4±0.1 3.3±0.6 Table 5 . Physical, rotational and magnetic properties of the components used and derived in this study. Parameters with two columns correspond to those derived with the age restricted to less than 1 Myr (left) and those derived with no restriction on the age (right).
by: 1) using unrestricted parameters (but this assumes stellar parameters that are themselves inconsistent with the stars' effective temperatures and ages); 2) making r gyr much smaller than predicted by models of unmagnetized stars; or 3) by assuming that the star experienced significant braking on the pre-main sequence, such that W 0 < 1. We note that if we instead adopt the theoretical wind model of Krtička (2014) , differences in our conclusions are relatively small. This is because the effective temperature of the magnetic star is fairly high and in this regime the Krticka mass-loss rates are not terribly different from those of Vink. The value ofṀ is about the same, but that of v ∞ is about 1000 km/s higher, resulting in a smaller R A (about 10 R * ) but about the same spindown timescale. Moreover, there is no difference between the age restricted/unrestricted values, since the KrtickaṀ values don't vary as significantly as the star evolves (the increase due to higher luminosity is compensated by the decrease due to the lower T eff ). †
DISCUSSION AND CONCLUSION
In this paper we used high resolution spectroscopy and spectropolarimetry to derive the physical properties and magnetic characteristics of the multiple system HD 164492C. In addition to the previously-known broad-lined and narrow-lined early B stars (components HD 164492C1 and C2), we also identified a late B-type companion (HD 164492C3). The physical properties assumed and derived for these three stars are summarised in Table 7 .
Components C2 and C3 exhibit significant radial velocity (RV) variations. We modeled these variations as orbital motion about a common centre-of-mass, with a period of P orb = 12.5351(7) d and eccentricity e = 0.515(6). The magnetic C1 component exhibits no discernible radial velocity variations with this period, or any other period shorter than the span of our data.
We derived the physical properties of the 3 components. When the stars are constrained to lie on isochrones consistent with the reported age of M20, we find masses of 10.9 ± 0.5 M ⊙ (C1), 9.3 ± 0.4 M ⊙ (C2) and 4.4± 0.2 M ⊙ (C2). All three stars are inferred to be main sequence objects. If we use the distance to M20 implied by the Gaia parallax measurements, we obtained somewhat larger masses for all 3 stars. This results in older implied ages of the 3 stars: the error boxes are consistent with isochrones as old as log t = 7.2, or about 16 Myr.
From both measurements of the variable longitudinal magnetic field and the variation of the equivalent width of strong, high velocity emission in the Hα line, we infer the rotation period of the magnetic star P rot = 1.36986(6) d. We derive the star's magnetic geometry, finding i = 63 ± 6
• , β = 33 ± 6
• and a dipole polar strength B d = 7.9 +1.2 −1.0 kG from the age-restricted parameters. From the unrestricted parameters, we obtained a different geometry (i = 36 −0.5 kG). (Although the inferred masses and luminosities derived using the two approaches described above agree within their uncertainties, they ultimately result in radii of the C1 star, and hence magnetic geometries, that are very different from one another.) We interpret the variable Hα emission as originating in a centrifugal magnetosphere surrounding the C1 component. Based on the behaviour of the Hα emission, we are led to prefer the model with smaller derived β (i.e. that implied by the age-restricted parameters) as most consistent with our observations of HD 164492C.
Having derived the evolutionary masses of the components, we can compare with the projected dynamical masses of the C2 and C3 components to infer the inclination of the binary orbit. For both stars, the projected dynamical masses in combination with the ageconstrained evolutionary masses imply i = 54
• . This allows us to deproject the semimajor axis, yielding a = 0.25 AU. At periastron, the two components are separated by a(1 − e) ≃ 0.12 AU, or about 7 times the radius of component C2.
The total luminosity of the system implied by the individual luminosities of the 3 stars under the constraint t < 1 Myr is log (L/L ⊙ ) = 4.04 ± 0.15, and assuming that C1 and C2 have the same bolometric correction, then the apparent V magnitude of the system would require a distance d = 0.9 ± 0.2 kpc. This calculation assumes that the extinction A V is negligible. If A V is nonzero, then the distance must be even smaller, e.g. A V = 0.25 would lead to the stars being about 100 pc closer. This provides new evidence that the distance to the Trifid nebula corresponds to the smaller values reported in the literature. This distance determination, which combines constraints from the C2/C3 system's orbital properties and the reported age of the star cluster, is smaller than (but still formally consistent with) the Gaia parallax distance.
Upon examining the complete collection of ESPaDOnS, UVES, FEROS and HARPSpol spectral available for this system, we found that a small number of spectra exhibited Hα emission profiles that were qualitatively different from the remainder. We concluded that these spectra were contaminated by light from nearby stars, in particular HD 164492D. It is instructive to note that we also attempted to model the spectral energy distribution of the system using broadband photometry in the optical and near-infrared, as well as IUE spectroscopy. We found large inconsistencies between the various epoch of IUE data, and between the IUE data and the optical photometry. Ultimately, we were unable to usefully inter-pret those data, and we view their behaviour as further evidence for contamination of some spectra and spectrophotometric data by the light of nearby stars.
During our modeling of the combined spectrum of the system, we observed that many of the He i lines (e.g. He i λ4144, He i λ4388, and He i λ4471) showed broad wings that were not reproduced by the model. We suspect that this is evidence for the presence of strong horizontal or vertical He abundance nonuniformities in the atmosphere of the magnetic C1 star. However, in our analysis we found no clear evidence for strong variability of the EWs of He lines. A more sophisticated analysis of the spectra -likely including a complete disentangling of significant spectra regions -is required to better understand the origin of this phenomenon.
The relationship of the magnetic C1 star to the binary system remains an outstanding question. That a self-consistent set of physical parameters for the three stars can be obtained assuming a common distance and age suggests that they are not very far separated in distance or age. Given the high stellar density in the central region of M20, the association of the binary with C1 might be a lineof-sight conjunction of relatively close by physically unassociated stars. On the other hand, the magnetic star could be physically associated with the C2+C3 binary in a wider, longer period orbit. An examination of the RVs of C1 over the 1.9 years that our observations span shows no significant, systematic change in the seasonal mean velocities. As a consequence, the existing data do not allow us to choose between these two hypotheses. Multi-epoch high resolution imaging or long-term spectroscopic monitoring would be needed to say more.
